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where ne is the electron density, T is the gas temperature, and ln !e

is Euler’s constant. In this regime, this factor is independent of the
electron’s energy, so "ee ! E!2 and heating rapidly becomes less
important at high energies compared to ionization and excitation.

However, the photoelectron can also have collective interac-
tions with the plasma as a whole. This process becomes more im-
portant at high energies. The effective Coulomb logarithm, includ-
ing both individual collisions and these collective interactions, is
(Schunk & Hays 1971)
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so long as E > me4/2h̄2 # 13.7 eV.5 Here, the factor $e =
7.40 $ 10!11(ne/cm

!3) eV. In this case, "ee ! E!2 ln E, so
heating is somewhat more important at high energies, although "ee

still falls off by one power of energy faster than the ionization and
excitation cross-sections. Note that, when plasma effects are in-
cluded, the cross-section is independent of the temperature of the
gas, so we need not specify it in our calculations.

We use equation (12) in our fiducial calculations, following
Xu & McCray (1991). Ignoring collective effects reduces the frac-
tion of incident energy deposited as heat at E >

% 100 eV by a few
percent, and it correspondingly increases the fractions of energy
deposited in ionization and excitation.

The density can also play a second role in collisional de-
excitation of the target atoms and in populating the upper levels of
the atoms (provided also that the temperature is sufficiently large).
This requires n & 108 cm!3 so is not important for the IGM.
But we caution readers against trusting our results in such environ-
ments.

7 RESULTS

We now present our main results. As a reminder, we use 105

Monte Carlo trials for each electron energy (which ranges from
10–9900 eV), and we explicitly follow all secondary electrons and
photons. We take f = 0.05 and set the density of the background
gas to be the mean cosmic density at z = 10, but we saw above
that the results are very insensitive to these parameters. The pri-
mary input parameters are then the initial electron energy and the
ionization fractions. For the latter, we let xi be the density of HII
relative to the total hydrogen density and assume that this is also
the fraction of helium in the form of HeII, with zero HeIII.

We present our results in terms of energy deposition fractions,
with fion, fheat, and fexcite the fractions of the initial electron en-
ergy that goes into ionization, heating, and HI line photons gener-
ated by collisional excitation.6 (Note that line photons from helium
are transformed into ionizing photons and so deposit their energy in
other ways, implicit in our code.) We also let fLy! be the fraction
of energy deposited in HI Ly% photons. We have verified explicitly
that our code conserves energy throughout the entire interaction cy-
cle.

Figure 1 shows these fractions, as a function of photon energy,
in a medium with xi = 0.01. The thick solid, dashed, and dotted

5 We are interested in slightly lower energies as well, but the dynamics
there are almost completely dominated by the structure of the line spectrum
of HI rather than the details of !ee.
6 We caution the reader that our parameters do not include the effects of
the initial ionization event that generates the electron.

Figure 1. Energy deposition fractions as a function of initial electron en-
ergy, for an IGM with xi = 0.01. The thick solid curve shows the fraction
of energy used in ionization; the thin solid and dot-dashed curves show the
fractions used for ionizing HI and HeI, respectively. The thick dashed curve
shows the fraction deposited as heat through electron-electron interactions.
The thick dotted curve shows the total energy lost to HI line photons; the
thin dotted curve shows the fraction in HI Ly" photons.

curves show fion, fheat, and fexcite, respectively. The thin solid
and dot-dashed curves show explicitly the fractions of energy going
into HI and HeI ionization, respectively. (The fraction going into
HeII ionization is' 1% throughout.) Finally, the thin dotted curve
shows fLy!.

The structure of the curves is relatively easy to understand.
Electrons with E < 10.2 eV are unable to interact with any atoms
or ions, so all of the energy is deposited as heat. As E increases,
more and more excitation and ionization processes become avail-
able, so the energy injected as heat decreases. Interestingly, even
with this large of a neutral fraction, the individual line thresholds
do not introduce discrete features into the deposition fractions, and
all of the parameters depend smoothly on energy.

At higher energies, where no additional processes become
available, the fractions vary only slowly, eventually approaching
reasonably constant values at E % 1–10 keV, where ioniza-
tion, heating, and excitation split roughly equally. As pointed out
by Shull & van Steenberg (1985), the naive expectation from the
Bethe approximation (with "i,e ! E!1 ln E for ionization and ex-
citation and "ee ! E!2 ln E for heating), that less and less heating
should occur at high photon energies, is false. This is because each
ionization produces a moderate energy secondary electron (typi-
cally % 10 eV, but occasionally much larger). A large fraction of
the primary’s energy is lost through these intermediaries, who in
turn lose most of their energy to heat, making the behavior at high
energies much less variable than one would expect.

Figures 2 and 3 show the energy deposition fractions for a
range of xi. The first panel shows fion. For small xi, the ionization
thresholds imprint features on the curves. At high energies, fion %

0.4 at small ionized fractions and rapidly approaches zero as xi

increases. The behavior at very high energies sets an upper limit to
the total energy invested in ionization.
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• Due to their long mean 
free paths, X-rays (SN, 
BH-accretion, PopIII) are 
expected to be the 
dominant heating 
mechanism at high 
redshift.

• Likely to ionize He, 
producing fast electrons,  
E > 10eV. Energy deposition fractions for secondary electrons as a 

function of energy.  From Furlanetto & Stoever, 2010.

χi = 0.01



The 21cm Signal

• Fundamental quantity - the HI differential brightness 
temperature:
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• Cosmological, hydrodynamics 
(Eulerian) + N-body, adaptive-
mesh-refinement (AMR).

• Adaptive ray-tracing radiative 
transfer method (Abel & 
Wandelt 2002)

• Secondary ionizations 
calculated via Shull & van 
Steenberg 1985 formulae.

Volume rendering of a cosmological 
simulation performed with Enzo.  Created 
by Sam Skillman with the AMR analysis 
toolkit yt, which we also use in this work. 



Preliminary Simulations

Cells Box Size

60 Mpc/h10243

Mass Resolution

∼ 1.8× 107M⊙

• Use friends-of-friends (FOF) 
halo finder inline with Enzo 
to populate halos with 
radiative particles.

• These “MBH” particles are 
inserted in all halos above 
threshold mass of               
(so they are resolved with > 
100 particles).       

2× 109M⊙



Preliminary Simulations

• Assuming 105 Msun black holes 
undergoing Eddington 
accretion with a radiative 
efficiency of 10%.

• Currently using single energy 
bin spectrum, with 10% of the 
total luminosity emitted at 0.5 
keV. Projections of the differential brightness 

temperature around individual sources 
with softer specra (0.1 - 0.2 keV) from 
a 2563, 20 Mpc/h box test simulation.



z = 15



z = 15



• Future work will implement 
a more complex, multi-
energy bin spectrum.

• Average quasar spectrum 
of Sazonov et al. 2004 may 
not be appropriate for 
high-z.  Perhaps adopt 
‘miniquasar’ spectrum of 
Kuhlen & Madau 2005?

Upcoming Work
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Three different spectral templates used 
to simulate intermediate mass black hole 
accretion in Kuhlen & Madau, 2005.



• Prepare two simulations - one with an abundance 
of less luminous X-ray sources, another with rare, 
very luminous sources.

• Can the global HI signal or angular power 
spectrum tell them apart reliably?

• Larger volume to improve statistical sampling of the 
halo mass function more grid cells to maintain (or 
enhance) mass resolution.

Upcoming Work
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Radiative Transfer

• Method: Adaptive Ray Tracing 
(Abel & Wandelt 2002, Wise & 
Abel 2008)

• Conserve photon flux along rays, 
branching only when necessary to 
maintain accuracy of integration.
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Illustration of a single parent ray 
spawning many child rays to 
sample the underlying grid.  From 
Abel & Wandelt, 2002.

R.T.E. for the photon number flux, Np, and absorption coefficient,    .κ

1
c

∂Np

∂t
+

∂Np

∂r
= −κNp



Secondary ionization and heating by fast electrons 9

Figure 6. Energy deposition fractions for the secondary electrons integrated over sample spectra (with ! = 1.5), assuming optically thin absorption. The left
panel shows f̄ion,HI, the upper right panel shows f̄Ly!, and the lower right panel shows f̄heat . The solid, long-dashed, short-dashed, and dot-dashed curves
take log xi = !4, !3, !2, and !1, respectively. The solid squares show the high-energy fit from Shull & van Steenberg (1985), with the same ordering
from top to bottom.

where the sum is over all species i and !i is the photoionization
cross-section (Verner et al. 1996). Here the numerator is the inte-
gral (over all photon energies E" ) of the ionization rate multiplied
by the fraction of the secondary electron’s energy (E" ! Ei) de-
posited as heat. The denominator normalizes f̄ to the total energy
deposition rate. We can compute f̄ion,HI and f̄Ly! in a similar fash-
ion, replacing fheat with fion,HI or fLy!. (Note that f̄ still does not
include the energy deposited by the initial ionization. This is why
the sum of these fractions is much smaller than unity at low ener-
gies.)

The curves in Figure 6 show these two quantities at several
different ionized fractions (log xi = !4, !3, !2, and !1, from
top to bottom in the left hand panel). The solid squares show the
asymptotic high-energy estimates from the Shull & van Steenberg
(1985) fitting formulae. (These are the terms in eqs. 13-14 without
any energy dependence.)

These fitting formulae provide reasonable order-of-magnitude
estimates so long as Emin >

" 300 eV (or slightly higher if xi "

0.1), although they systematically underestimate f̄Ly! and f̄ion,HI.
These deviations are most significant at small ionized fractions,
where heating is least important. We therefore again recommend
interpolation of the exact results for high-accuracy work, especially
if the heating by soft X-rays E <

" 300 eV is included.

9 DISCUSSION

Using a Monte Carlo model, we have re-examined the fate of fast
electrons scattering through a background gas of primordial ori-
gin. We included electron-electron scattering as well as collisional
ionization and excitation of HI, HeI, and HeII, explicitly track-
ing all levels up to n = 4 and using an analytic extrapolation
to higher levels. We separately followed all excitations produc-
ing HI Ly" photons, which can be important in modeling the ob-

servable properties of the IGM at high redshifts (see Kuhlen et al.
2006 and Furlanetto et al. 2006, for example) and have not been ex-
plicitly tracked previously except at the highest energies. We used
recent calculations of ionization and excitation cross-sections at
E < 1 keV and extrapolated to higher energies using the Bethe
approximation.

In highly neutral gas (xi <
" 10!3), we found that " 20% of

the electron energy is deposited as heat, with the remainder split
roughly equally between ionization and excitation. In this regime,
the results are not strongly sensitive to xi, at least at high ener-
gies, because most of the heating comes from secondary electrons,
with energies below 10 eV. At higher xi, the heating fraction rises
rapidly, exceeding " 65% by xi " 0.1. We find that the excitation
and ionization energy deposition rates are always comparable, and
that" 80% of the excitation energy goes into HI Ly" regardless of
electron energy and xi.

Although our calculations used parameters appropriate to the
low-density IGM, our results may also be applied to denser sys-
tems, because the density only enters through the Coulomb log-
arithm affecting the electron-electron scattering rate. Varying the
density of target atoms by many orders of magnitude only affects
the energy deposition fractions by a few percent in absolute terms.
We also note that, when collective plasma effects are included, the
background temperature becomes irrelevant for the electron en-
ergies under consideration (Schunk & Hays 1971; Xu & McCray
1991).

For the most part, our results agree with previous estimates
from Shull & van Steenberg (1985) and Xu & McCray (1991), al-
though we have found some discrepancies with the commonly-used
fitting formulae from the former. In general, at high energies their
results slightly underestimate the importance of collisional excita-
tion but are otherwise accurate. At lower energies, the differences
in cross-sections become more important and the discrepancies in-
crease (at least with reference to the fitting formulae of Ricotti et al.

c" 0000 RAS, MNRAS 000, 000–000

X-ray heating

Energy deposition fractions in ionization, Lyman-alpha, and heat for secondary electrons 
integrated over sample power law UV/X-ray spectrum.  From Furlanetto & Stoever, 2010.

Lν ∝ ν−α;α = 1.5



Calculating TS

• Enzo is able to track 
e-, HI, HII, HeI, HeII, 
and HeIII abundances 
in each grid cell.

• Vital in calculating TS, 
since H-e- and H-H 
collisions are the 
dominant means of 
mixing hyperfine levels.

xi
c =

niκi
10

A10

T�

Tγ

Coupling coefficient for species i,      , where       is 
the rate coefficient for spin de-excitation for species i 
(Furlanetto, 2006).

xi
c κi

10

T−1
S ≈

T−1
γ + xcT

−1
K

1 + xc

TS also depends on      , a coupling coefficient for UV 
scattering, and TC, the UV color temperature.  We neglect 
them now since sources emit at 0.5 keV only.

xα
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(a)

(b)

Fig. 6. (a) IGM temperature evolution if only adiabatic cooling and Compton heating are involved. The spin temperature TS includes only collisional
coupling. (b) Differential brightness temperature against the CMB for TS shown in panel a.

where we have assumed that TK ! (1 + z) (i.e., coupling to the CMB is still strong). Freeze-out occurs when this is
of order unity; at later times x̄i remains roughly constant because the recombination time then exceeds the expansion
timescale. Numerical calculations with RECFAST yield x̄i =3.1"10#4 at z=200 (which is past freeze-out). Inserting
this into (63), we find

1
H(z)TK

dTK

dt
$ 10#7

!bh2 (T"/TK # 1)(1 + z)5/2. (65)

Thus thermal decoupling occurs when

1 + zdec % 150(!bh
2/0.023)2/5. (66)

Fig. 6a shows a more detailed calculation (from RECFAST). The dashed curve shows T" and the dotted curve TK .
We see that Compton heating begins to become inefficient at z $ 300 and is negligible by z $ 150. Past this point,
TK ! (1 + z)2, as expected for an adiabatically expanding non-relativistic gas.

We must next determine the spin temperature. Obviously x# = 0 during this epoch (barring any exotic processes
[162]). But at sufficiently high redshifts, the Universe was dense enough for collisions with neutral atoms to be efficient
in the mean density IGM. The effectiveness of collisional coupling can be computed exactly for any given temperature
history from the rate coefficients presented in Section 2.2. A convenient estimate of their importance is the critical
overdensity, $coll, at which xc = 1:

1 + $coll = 1.06
!
%10(88 K)

%10(TK)

" #
0.023
!bh2

$ #
70

1 + z

$2

, (67)

where we have inserted the expected temperature at 1 + z = 70. Thus for redshifts z!70, TS & T"; by z $ 30 the IGM
essentially becomes invisible. It is worth emphasizing that %10 is extremely sensitive to TK in this regime (see Fig. 2).
If the universe is somehow heated above the fiducial value, the threshold density can remain modest: $coll % 1 at z=40
if TK = 300 K. The solid line in Fig. 6a shows the spin temperature TS during the dark ages, and Fig. 6b shows the
corresponding brightness temperature. The signal peaks (in absorption) at z $ 80, where TK is small but collisional
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(a)

(b) (c)

Fig. 7. Global IGM histories for Pop II stars. The solid curves take our fiducial parameters without feedback. The dot–dashed curve takes fX = 0.2.
The short- and long-dashed curves include strong photoheating feedback: (a) thermal properties; (b) ionized fraction; (c) differential brightness
temperature against the CMB. In this panel, the two dotted lines show !Tb without including shock heating. From [270].

However, as illustrated by the dashed curves, it is relatively easy to slow reionization. These curves use two models for
photoheating feedback [241] in which the minimum virial temperature for galaxy formation increases to Th=2!105 K in
photoheated regions, near the upper limit of theoretical expectations [252]. It slows the evolution when x̄i!0.5 (though
it remains monotonic), decreasing |d ¯!T b/d"| by about a factor of two. The ionization history can be slowed by an
even larger factor by also decreasing # in heated regions, and in extreme circumstances this could even cause x̄i to
decrease slightly (see Eq. (87)). Unfortunately, such a “recombination epoch” would have spectral gradients no larger
than reionization itself (though with opposite sign, of course).

Fig. 7c contains an even more striking feature at higher redshifts. At z " 30, the IGM is nearly invisible even though
TK>T$ (see Fig. 6). However, as the first galaxies form, the Wouthuysen–Field effect drives TS # TK . Because zc > zh,
this produces a relatively strong absorption signal (!Tb $ %80 mK) over the range z " 21.14 (or " " 70–95 MHz).
However, the IGM still heats up well before reionization begins in earnest, making ¯!T b nearly independent of TS

throughout reionization.
Fig. 8 shows similar histories for very massive Pop III stars. The solid curves take mmin to correspond to Tvir =104 K,

f!=0.01, fesc=0.1, fX=1, Nion=30, 000, and N%=4800, yielding #=30.Although the thermal history is qualitatively
similar to the Pop II case, it has zc " 13 and zh " 11. Thus the absorption epoch is somewhat narrower, and it is also
weaker because Pop III stars produce relatively few Ly% photons. As a result, TS does not approach TK until the IGM
is already hot. Thus, if very massive Pop III stars dominate, the absorption epoch will be considerably weaker, with
gradients about half as large as the Pop II case. Moreover, zh is relatively close to zr , so TS does not saturate until after
reionization begins. It may therefore be somewhat difficult to separate TS and xi at the beginning of reionization.

Obviously, measuring this background could offer strong constraints on high-redshift star formation. The other
curves in Figs. 7–8 illustrate the range of features we expect. However, they all share one crucial property: zc occurs
long before reionization, so we can safely expect some signal from the high-redshift IGM.

3.6. Observational prospects

One obvious application of the 21 cm signal is to measure this “all-sky” spectrum ¯!T b(z) [98,184,272,273]. The
wide range of histories shown in Figs. 7–8 illustrate how powerful such observations would be (see also [168]). The
models we have considered imply gradients |d ¯!T b/d"| " 1 mK MHz%1 during reionization and possibly somewhat
larger values during a preceding absorption epoch.


